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A B S T R A C T 

Planetary magnetic fields can affect the predicted mass-loss rate for close-in planets that experience large amounts of 
ultraviolet irradiation. In this work, we present a method to detect the magnetic fields of close-in exoplanets undergoing 

atmospheric escape using transit spectroscopy at the 10 830 Å line of helium. Moti v ated by pre vious work on hydrodynamic and 

magnetohydrodynamic photoe v aporation, we suggest that planets with magnetic fields that are too weak to control the outflow’s 
topology lead to blueshifted transits due to dayside-to-nightside flows. In contrast, strong magnetic fields prevent this day-to-night 
flow, as the gas is forced to follow the magnetic field’s roughly dipolar topology. We post-process existing 2D photoevaporation 

simulations, computing synthetic transit profiles in helium to test this concept. As expected, we find that hydrodynamically 

dominated outflows lead to blueshifted transits of the order of the sound speed of the gas. Strong surface magnetic fields lead 

to unshifted or slightly redshifted transit profiles. High-resolution observations can distinguish between these profiles; ho we ver, 
eccentricity uncertainties generally mean that we cannot conclusively say that velocity shifts are due to the outflow for individual 
planets. The majority of helium observations are blueshifted, which could be a tentative indication that close-in planets generally 

have surface dipole magnetic field strengths �0 . 3 G. More 3D hydrodynamic and magnetohydrodynamic simulations are needed 

to confirm this conclusion robustly. 

Key words: planets and satellites: atmospheres – planets and satellites: magnetic fields. 
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 I N T RO D U C T I O N  

lanets that reside close to their host stars receive significant 
mounts of high-energy flux. Photoionization of their upper at- 
ospheres results in heating that can drive mass-loss in the form

f a hydrodynamic wind (Lammer et al. 2003 ; Mu ̃ noz 2007 ;
urray-Clay, Chiang & Murray 2009 ; Owen & Jackson 2012 ; 
ubyshkina et al. 2018 ). For small, low-mass planets (1 −4 R ⊕,
20 M ⊕), photoe v aporation can completely strip their primordial 
ydrogen/helium envelopes, leaving behind a ‘stripped core’ with 
 bulk composition similar to Earth’s (Lopez & F ortne y 2013 ;
wen & Wu 2013 ). This photoe v aporation-dri ven e volution has been
sed to explain the lack of short-period Neptune-sized planets (e.g. 
zab ́o & Kiss 2011 ; Lundkvist et al. 2016 ; Owen & Lai 2018 ),
nd the bimodal radius distribution of small planets (Fulton et al. 
017 ; Owen & Wu 2017 ; Van Eylen et al. 2018 ; Rogers at al.
023b ). Ho we v er, other interpretations hav e been proposed to e xplain
he demographics of close-in, low-mass e xoplanets: for e xample, 
ther mass-loss mechanisms such as core-powered mass-loss (e.g. 
inzburg, Schlichting & Sari 2018 ; Gupta & Schlichting 2019 ) or

mpact-powered mass-loss (e.g. Wyatt, Kral & Sinclair 2020 ), late- 
ime gas accretion in the formation phase (e.g. Lee & Connors 2021 ;
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ee, Karalis & Thorngren 2022 ), or separate populations of terrestrial
lanets and water worlds (e.g. Zeng et al. 2019 ; Luque & Pall ́e
022 ). 
Given this debate, we need to test photoevaporation models 

sing direct observations of atmospheric escape. An unquantified 
ncertainty when testing these models is the role that magnetic 
elds play in controlling the outflow and the mass-loss (e.g. 
wen & Adams 2019 ). The photoe v aporation models used to
atch the observed location of the radius valley have not included
agnetic fields (e.g. Owen & Wu 2017 ; Wu 2019 ; Rogers &
wen 2021 ; Rogers et al. 2023a , b ). Photoe v aporati ve outflo ws

re highly ionized, so they should be influenced by any planetary
agnetic fields. The degree to which the planetary magnetic field 

ontrols the outflow is determined by the ratio of magnetic pressure
o thermal/ram pressure of the outflow (e.g. Adams 2011 ). If
he magnetic pressure dominates near the planetary surface, then 
he gas is constrained to the topology imposed by the planet’s

agnetic field. For this ‘magnetically controlled’ case, analyt- 
cal and numerical studies have demonstrated that in a region 
ear the equator, the magnetic field lines are closed, and the
as is trapped in a ‘dead zone’ (e.g. Adams 2011 ; Trammell,
rras & Li 2011 ; Owen & Adams 2014 ; Trammell, Li & Arras
014 ; Khodachenko et al. 2015 ; Matsakos, Uribe & K ̈onigl 2015 ;
rakcheev et al. 2017 ). Hence, the gas can only escape near the
oles, where the gas pressure can open magnetic field lines and
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rive a transonic wind. Alternatively, if the thermal/ram pressure
ominates everywhere, the gas will open all field lines (dragging
he magnetic field with it). In this ‘hydrodynamic case’, the out-
ow should represent those seen in purely hydrodynamic (HD)
imulations (e.g. Stone & Proga 2009 ; Owen & Adams 2014 ;
hodachenko et al. 2015 ; Tripathi et al. 2015 ; Carroll-Nellenback

t al. 2016 ; McCann et al. 2019 ; Debrecht et al. 2020 ; Carolan et al.
021a ). 
In the magnetically controlled case, only a fraction of the planetary

urface supports open field lines, and the mass-loss rate is suppressed
ompared to the hydrodynamic case. 2D magnetohydrodynamic
MHD) simulations have suggested that surface magnetic field
trengths as low as ∼0 . 3 −3 G can suppress the mass-loss rate of
ot Jupiters by an order of magnitude (Owen & Adams 2014 ; Tram-
ell et al. 2014 ; Khodachenko et al. 2015 ). The critical magnetic
eld strengths required to suppress mass-loss rates are smaller or
omparable to many of the planetary magnetic field strengths in
ur Solar system (e.g. Jupiter’s dipole moment is ∼4 G; Stevenson
003 ; Connerney et al. 2022 ). Therefore, it is important to consider
he effects of magnetic fields on escape for exoplanets and understand
ow to determine their impact observationally. 3D MHD simulations
hat include the stellar wind also found that the planetary mass-loss
ate decreases with planetary magnetic field strength (Khodachenko
t al. 2021 ). Ho we ver, we note that similar simulations run by Carolan
t al. ( 2021b ) show the opposite dependence, and the differences are
et to be fully understood. 

For lower mass planets, strong planetary magnetic fields that
uppress mass-loss could significantly affect their evolution. Owen &
dams ( 2019 ) studied the effect that magnetic fields would have
n the location of the radius valley. If these planets had surface
agnetic field strengths �3 G at the age of a few hundred Myr, 1 

hen their cores would need to be ice rich in order to match the
bserv ed radius valle y. Howev er, since the planets below the radius
ap (that have well-constrained masses) generally have densities
onsistent with an Earth-like composition (Dressing et al. 2015 ;
orn et al. 2018 ; Van Eylen et al. 2019 ), they argue that this

mplies that the low-mass, close-in exoplanet population does not
ossess strong magnetic fields. Specifically, Owen & Adams ( 2019 )
rgued that the dynamo-generated fields in the hydrogen/helium
nvelopes of mini-Neptunes must be weak ( B � 0 . 3 G) at young
ges. 

Unlike small planets, hot Jupiters are thought to be stable to
tmospheric mass-loss independent of whether or not magnetic fields
uppress escape (e.g. Hubbard et al. 2007 ; Owen & Wu 2013 ;
in et al. 2014 ). Ho we ver, the strength of their magnetic fields is
till of much interest. Hot Jupiters have radii larger than expected
rom interior structure models (Laughlin, Crismani & Adams 2011 ;
horngren & F ortne y 2018 ). In order to explain this discrepancy,

hese planets require an extra source of energy that must be deposited
nto the interior (e.g. Bodenheimer, Lin & Mardling 2001 ; Guillot &
howman 2002 ; Arras & Socrates 2010 ; Batygin & Stevenson
010 ; Youdin & Mitchell 2010 ; Komacek & Youdin 2017 ). One
opular explanation for this extra energy is Ohmic dissipation, in
hich the interaction of zonal winds and the planetary magnetic
eld generates electrical currents that resistively heat the interior
Batygin & Stevenson 2010 ; Perna, Menou & Rauscher 2010 ;
atygin, Stevenson & Bodenheimer 2011 ; Menou 2012 ; Rauscher &
enou 2013 ; Ginzburg & Sari 2016 ). Current modelling suggests
NRAS 527, 5117–5130 (2024) 

 Since this is when the host stars are bright in the XUV, and thus when most 
f the mass-loss occurs (e.g. Jackson, Davis & Wheatley 2012 ). 

(  

f  

p  

f  
hat explaining the hot Jupiter radius anomaly in this way requires
ot Jupiters to possess sizeable magnetic fields. For example, using
D MHD simulations of the atmosphere of HD 209458b, Rauscher &
enou ( 2013 ) argue that the magnetic field must be greater than 3 −10
 for Ohmic dissipation to be responsible for its inflated radius. For
 few hot Jupiters hosting stars, Cauley et al. ( 2019 ) found tentative
vidence of magnetic star–planet interactions. From variations in the
a II K line, they inferred these planets to have large magnetic fields
20–100 G. Ho we v er, we note that Caule y et al. ( 2019 ) caution

hat the detected variability may be unrelated to the presence of
 planet, and hence does not constrain planetary magnetic fields.
ndependently, using a scaling law relating the magnetic energy
ensity to the density and intrinsic luminosity of bodies ranging
rom Earth to low-mass stars, Christensen, Holzwarth & Reiners
 2009 ) estimated the magnetic field of hot Jupiters to have magnetic
eld strengths of the order of 20–50 G. In contrast, Grießmeier
t al. ( 2004 ) argued that tidally locked hot Jupiters should have a
uch smaller magnetic field than Jupiter due to their slow rotation

ate. 
To determine whether the effects of magnetic fields need to be

ccounted for in evolutionary modelling, we need to compare theo-
etical predictions of ‘magnetically controlled’ and ‘hydrodynamic’
utflows to direct observations of atmospheric escape. Additionally,
hese observations can be used to put constraints on the magnetic
eld strength of planets. The two most commonly used lines to
irectly observe atmospheric escape are Lyman- α (e.g. Vidal-Madjar
t al. 2003 ; Lecavelier Des Etangs et al. 2010 ; Kulow et al. 2014 )
nd He I 10 830 Å (e.g. Allart et al. 2018 ; Nortmann et al. 2018 ;
pake et al. 2018 ), which originates from the metastable 2 3 S state of
elium. 
Kislyakova et al. ( 2014 ) and Ben-Jaffel et al. ( 2022 ) inferred the
agnetic field properties of HD 209458b and HAT-P-11b, respec-

ively, by matching the transit spectrum deduced from 3D outflow
odels to Lyman- α transits. In general, this approach is challenging

ecause absorption in the interstellar medium generally obscures the
ine core (e.g. Landsman & Simon 1993 ), and therefore Lyman- α
ransits probe material at high radial velocities and distances far from
he planet �10 R p where the outflow is affected by the circumstellar
nvironment (e.g. Owen et al. 2023 ). This causes observations to be
egenerate with properties of the circumstellar environment, making
t difficult to link observations to fundamental planetary quantities,
uch as the planetary magnetic field strength. 

The helium line may provide a better tool in this endea v our.
t probes material closer to the planet (e.g. MacLeod & Oklop ̌ci ́c
022 ) and observations can be done at high spectral resolution ( R �
0 000) since it is accessible from the ground. This provides a unique
pportunity to study the kinematics of the outflow near the planet.
klop ̌ci ́c et al. ( 2020 ) proposed using spectropolarimetry of this

ine to detect magnetic fields; ho we ver, this method is not currently
easible with 10 m class telescopes but may be possible in the future
ith 30 m class telescopes. 
Here, we propose a method for detecting the presence of magnetic

elds strong enough to control the topology of the outflow using
ransmission spectroscopy in the 10 830 Å line of helium. Moti v ated
y previous HD and MHD simulations, we suggest that ‘hydrody-
amic’ outflows (i.e. outflows where the planetary magnetic fields
re dynamically unimportant) should lead to blueshifted transmission
pectra due to gas flowing from the hot dayside to the cold nightside
towards the observer during transit) as a result of pressure gradients
rom the anisotropic heating. In contrast, strong magnetic fields
revent the day-to-night outflow and cause the gas to mo v e a way
rom the observer during transit. As a result, we suggest that
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magnetically controlled’ outflows will produce transmission spectra 
hat are (weakly) redshifted. 

 T H E  EFFECT  O F  MAGNETIC  FIELDS  O N  

H OTO E VA P O R AT I O N  

n general, the planetary outflow is sensitive to both planet properties 
nd the stellar environment. Following Owen & Adams ( 2014 ), one
an coarsely partition the outflow into regimes based on the relative 
trength of the stellar magnetic field, stellar wind ram pressure, 
lanetary magnetic field, and planetary wind ram pressure. In this 
ork, we consider regimes where either the ram pressure of the 
lanetary wind or the planetary magnetic field pressure dominates 
he stellar components close to the planetary surface, where most of
he helium absorption occurs. We can estimate whether the outflow 

s magnetically controlled by considering the dimensionless quantity 
 , which is the ratio of the ram pressure of the wind to the magnetic

ressure of the planet. For a planet with a dipolar magnetic field, this
atio is equal to 

 p = 

2 Ṁ vr 4 

B 

2 
0 R 

6 
P 

, (1) 

where Ṁ is the outflow rate, B 0 is the surface magnetic field 
trength of the body, R P is the radius of the body, and r is the distance
o the centre of the body. When � p � 1, the flow is magnetically
ontrolled, and the outflowing gas is forced to follow magnetic field 
ines. When � p � 1, the outflow will drag magnetic field lines
nd should follow a flow structure similar to a pure hydrodynamic 
utflow. Using an ‘energy-limited’ outflow (e.g. Baraffe et al. 2004 ), 
here 

˙
 = η

πF XUV R 

3 
P 

4 GM 

, (2) 

e estimate the threshold magnetic field such that magnetic pressure 
nd ram pressure are equal (i.e. � p = 1). For fiducial parameters
ppropriate for a typical hot Jupiter, this is 

 ≈ 0 . 015 
( η

0 . 1 

) 1 
2 
(

F XUV 

10 4 erg s −1 

) 1 
2 
(

v 

10 km s −1 

) 1 
2 
(

M p 

M J 

)− 1 
2 

×
(

R p 

R J 

) 1 
2 
(

r 

R p 

)2 

G . (3) 

.1 Post-processing existing simulations 

o assess whether ‘hydrodynamic’ and ‘magnetically controlled’ 
utflows will produce blueshifted and redshifted transit spectra, 
espectively, we want to compare the synthetic transit spectra 
roduced from simulations. There are no 3D radiation-hydrodynamic 
hotoe v aporation simulations that include helium and magnetic 
elds. Given the complexity of post-processing simulations (as 
etailed in Section 2.2 ), which would be difficult in 3D, as a first
tep, we choose to use existing 2D photoe v aporation simulations of
 hot Jupiter presented in Owen & Adams ( 2014 ). These radiation-
ydrodynamic simulations did and did not include magnetic fields 
or the same set-up and are ideal for our experiment. To analyse
he case where the ram pressure of the planetary outflow dominates 
 v er the magnetic field of the planet ( � p > 1), we use a purely
ydrodynamic simulation of the outflow. In the opposite case, where 
agnetic pressure dominates o v er ram pressure of the planetary 

utflow ( � p < 1), we use MHD simulations of the outflow. 
In these simulations, the planet has a dipolar magnetic field. The 

lanetary dipole was chosen to be parallel to the orbital angular 
omentum vector of the planet. There are currently no constraints 
n the geometry of the magnetic field of exoplanets. Ho we ver, since
hese planets are very close to their host stars, they are often assumed
o be tidally locked. Thus, as a starting point, it is sensible to guess
hat any dynamo-generated magnetic field may be similar to Jupiter’s 
r Saturn’s and (almost) points along the rotation axis. 
In some of the simulations, an additional component correspond- 

ng to the stellar magnetic field was added. This contribution is
odelled as a constant field that points along the pole of the planet: 

 ∗ = β∗B p ̂  z , (4) 

where β∗ controls the relative strength of the stellar and planetary 
agnetic fields. 
The original simulations were performed on a spherical polar grid 

 r, θ ), which we can convert to Cartesian coordinates ( x, z), where
he x-axis points along the line joining the star and the planet and
he z-axis is parallel to the planet’s orbital angular momentum axis.
t is important to state that atmospheric escape is generally a 3D
rocess, and therefore several assumptions need to be made in order
o be able to perform sensible 2D simulations. First, the planet needs
o be tidally locked to have a constant dayside and nightside. At
he same time, rotational effects are ignored. Inside the Hill sphere,
hese effects are small (Murray-Clay et al. 2009 ) and can be ignored;
o we v er, the y are important for shaping the flow on the largest scales
e.g. McCann et al. 2019 ). Since absorption by helium generally
omes from close to the planet, this approximation is reasonable. 

In the hydrodynamic case, these approximations mean that the 
utflow is rotationally symmetric around the line joining the planet 
o the sub-stellar point. The presence of this magnetic field stops
his set-up from being rotationally invariant, such that the flow is no
onger globally axisymmetric. Therefore, the simulations required 
ach cell to locally have the property that ∂ φ = 0. Since the magnetic
eld suppresses the azimuthal flow, this approximation is realistic. 
hus, the simulation can be considered a thin slice of the domain

n the x - z plane. Since the magnetic field predominately go v erns the
utflow geometry, we expect the flow structure on the dayside to be
imilar as we rotate around the dipole axis. On the nightside, the
utflow is suppressed since heat is not efficiently transported across 
agnetic field lines. As a result, only the dayside of the atmosphere
as simulated [see section 5.1 of Owen & Adams ( 2014 ) or Trammell

t al. ( 2014 )]. 

.2 Addition of helium 

he lifetime of the metastable triplet level in the outflow is de-
ermined by the rates of collisional, radiative, and photoionization 
rocesses that depopulate it. As radiative transitions into the ground 
tate are highly suppressed (Drake 1971 ), depopulation of this state is
ominated by transitions due to collisions and photoionization (e.g. 
klop ̌ci ́c & Hirata 2018 ; Oklop ̌ci ́c 2019 ). In the outflow, the lifetime
f the metastable state may be comparable to the flow time-scale
see fig. 4 of Oklop ̌ci ́c 2019 ). Thus, the helium metastable level is
ften not in local statistical equilibrium. This means traditional post- 
rocessing techniques of simply using the gas’ local properties to 
ompute absorption cross-sections are inappropriate. Therefore, we 
ust compute the level populations by solving the time-dependent 

adiative transfer equations for gas parcels moving in the outflow. 
We assume that the gas is composed of solar abundances of

ydrogen and helium; ho we ver, we note that the mass fraction of
elium in the outflow can be adjusted depending on how efficiently
elium is expected to be dragged in the predominantly hydrogen flow
e.g. Malsky & Rogers 2020 ). Helium is not expected to contribute
MNRAS 527, 5117–5130 (2024) 
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o the cooling of the gas, and therefore the predominant way that
t affects the outflow is by raising its mean molecular weight. For
 solar abundance of helium, the sound speed of the gas can be
odified ∼25 per cent. Ultimately, though, adding helium should

ot have a large effect on the geometry of the outflow. Therefore, it is
easonable to consider the pure flow structure of the pure hydrogen
utflow simulated by Owen & Adams ( 2014 ) as representative of a
ydrogen–helium outflow . Similarly , the distribution of helium ions
nd atoms in each electronic state has little impact on the outflow
tructure. 

 M E T H O D S  

.1 Helium distribution in the outflow 

he first task is to calculate the distribution of helium atoms in
he outflow. We track the fraction of helium in the neutral singlet
nd triplet states along streamlines in the outflow. We only track
he number of neutral helium atoms in the ground state 1 1 S and

etastable 2 3 S state since excited states quickly radiatively decay to
ne of these two states with a matching singlet/triplet configuration.
ur problem has two parts: (i) determining streamlines in the flow

nd (ii) calculating the fraction of helium in the triplet state along
hese streamlines. 

In the case of the pure hydrodynamic flow, we solve for the 2D
osition of a streamline as a function of length, l, down the streamline
sing equations 

d r 

d l 
= 

u r 

u 

, (5) 

d θ

d l 
= 

u θ

ru 

. (6) 

We then derive the steady state distribution of helium atoms along
treamlines using equations ( 7 ) and ( 8 ), which account for the major
ransitions in and out of the singlet and triplet states of helium
Oklop ̌ci ́c & Hirata 2018 ): 

 

d f 1 
d l 

= (1 − f 1 − f 3 ) n e α1 + f 3 A 31 + f 3 q 31 a n e 

+ f 3 q 31 b n e + f 3 Q 31 n H I − f 1 φ1 e 
−τ1 − f 1 q 13 n e , (7) 

 

d f 3 
d l 

= (1 − f 1 − f 3 ) n e α3 − f 3 A 31 − f 3 q 31 a n e 

− f 3 q 31 b n e − f 3 Q 31 n H I − f 3 φ3 e 
−τ3 + f 1 q 13 n e . (8) 

 1 and f 3 are neutral helium’s singlet and triplet fractions, re-
pectively. n e and n H I are the number density of electrons and
ydrogen atoms, respectively. φ1 and φ3 are the photoionization
ates for the singlet and triplet states, respectively. We calculate the
hotoionization rate for the singlet and triplet states by assuming that
ll the photoionizing flux is concentrated at a photon energy hν of
4 . 6 and 4 . 8 eV , respectively. 

1 = 

∫ ∞ 

24 . 6 eV 

F ν

hν
σ1 ( ν)d ν ≈ F ν

hν
σ1 ( ν) , (9) 

3 = 

∫ 13 . 6 eV 

4 . 8 eV 

F ν

hν
σ3 ( ν)d ν ≈ F ν

hν
σ3 ( ν) . (10) 

Based on the spectral energy distribution for late K stars from the
USCLES surv e y (France et al. 2016 ; Loyd et al. 2016 ; Youngblood

t al. 2016 ), we estimate the total singlet ionizing flux to be 0.2 of the
ydrogen ionizing flux and the total triplet ionizing flux to be about
he same hydrogen ionizing flux. As the simulations were run at
igh ultraviolet (UV) fluxes ∼10 6 erg cm 

−2 s −1 , we set F ν = 2 × 10 5 
NRAS 527, 5117–5130 (2024) 
nd 10 6 erg cm 

−2 s −1 for the singlet and triplet states, respectively.
e varied these fluxes by an order of magnitude in both directions

nd found that it did not qualitatively affect our results. σi is the
hotoionization cross-section of the state. The photoionization cross-
ections for these photons are 5 . 48 × 10 −18 cm 

2 (Hummer & Storey
998 ) and 7 . 82 × 10 −18 cm 

2 (Bro wn 1971 ), respecti vely. In this
ork, we set both τ1 = 0 and τ3 = 0. Since hydrogen also absorbs
4 . 4 eV radiation, we expect the τ = 1 surface to 24 . 4 eV photons
o be abo v e the τ = 1 surface to 4 . 8 eV photons (and close to the
ydrogen ionization front in the simulation). Since the main pathway
o populate the triplet state is by photoionization of the singlet state
nd then recombination into the triplet state, we expect that this
ill underestimate the triplet fraction below the τ = 1 surface to
4 . 4 eV . Ho we ver, since the hydrogen ionization front is deep in the
tmosphere of the planet (in these simulations, it is ∼1 . 03 R p ), the
as below this surface contributes minimally to the o v erall transit
ignal. 

The recombination and collisional e xcitation/de-e xcitation coef-
cients depend on the temperature of the gas. As the simulations
ere run for high UV fluxes ( �10 6 erg cm 

−2 s −1 ), the gas is in the
adiativ e-recombination re gime (Murray-Clay et al. 2009 ) and there-
ore thermostats to ∼10 4 K abo v e the ionization front. As a result, we
se all coefficients at 10 4 K . α1 = 2 . 16 × 10 −13 cm 

3 s −1 and α3 =
 . 25 × 10 −13 cm 

3 s −1 are the case A recombination coefficients for
he singlet and triplet states, respectively (Osterbrock & Ferland
006 ). The electron density ( n e ) is calculated in the Owen & Adams
 2014 ) simulations, which only accounted for electrons produced by
he ionization of hydrogen atoms since this is the dominant source.
 31 = 1 . 272 × 10 −4 s −1 is the radiative transition rate between the
etastable triplet state and the ground singlet state (Drake 1971 ). The

ransitions between the triplet and singlet states due to collisions with
lectrons are denoted by the temperature-dependent coefficients: 

 ij = 2 . 1 × 10 −8 

√ 

13 . 6 eV 

kT 
exp 

(
−E ij 

kT 

)
ϒ ij 

w i 

cm 

3 s −1 , (11) 

here E ij is the energy difference between the states from Martin
 1973 ), w i is the statistical weight of the state, and ϒ ij is the
f fecti ve collision strength from Bray et al. ( 2000 ). At 10 4 K, the
wo transitions from the metastable state to singlet levels are given
y q 31 a = 2 . 7 × 10 −8 cm 

3 s −1 and q 31 b = 5 . 2 × 10 −9 cm 

3 s −1 . The
ransition from the ground singlet state to the metastable state is
iven by q 13 = 5 . 7 × 10 −19 cm 

3 s −1 . Finally, transitions out of the
etastable state due to collisions with hydrogen atoms via associative

onization and Penning ionization have a combined rate of Q 31 ∼
 × 10 −10 cm 

3 s −1 (Roberge & Dalgarno 1982 ). Equations ( 5 ), ( 6 ),
 7 ), and ( 8 ) form a set of coupled first-order differential equations.
he streamlines are initialized at a constant radius 1 . 02 R p with an

nitial singlet and triplet fraction that is in equilibrium at 500 K
ith φ1 = φ3 = 0. We solve these differential equations numerically
sing the implementation of the LSODA method (Petzold 1983 )
rovided in the SCIPY library (Virtanen et al. 2020 ). For numerical
tability, we solve equations ( 7 ) and ( 8 ) as function of log( l). The
bsolute and relative tolerances used are 1 × 10 −13 and 1 × 10 −10 ,
espectively, and the maximum step size chosen is 1 × 10 −3 . All gas
roperties required to solve these equations (e.g. density , velocity ,
tc.) were interpolated from the original simulations using bi v ariate
pline interpolation o v er the polar grid. To calculate the metastable
elium fraction at any point in the outflow, we interpolate the values
or 50 streamlines, linearly spaced in angle, originating on the
lanet’s dayside. Testing indicates that this is sufficient to calculate
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Figure 1. Left: Streamlines of the outflow for the case of a planet without a magnetic field. The star is located to the right of the planet along the line z = 0. 
The planet is shown by a black circle centred on the origin. The orientation is the same for all subsequent 2D plots. Due to anisotropic heating, the dayside 
is much hotter than the nightside. The resulting pressure gradients cause the outflow to wrap around the planet, creating gas travelling towards an observer in 
transit in the transmission region. Right: Magnetic field lines for a planet with a surface magnetic field strength of 3 G. The magnetic field lines are closed 
(shown in orange) where the magnetic field is strong enough to confine the flow. The open magnetic field lines (shown in red), where the magnetic field cannot 
confine the outflow, coincide with gas streamlines. The direction of the arrows shows the direction of the outflow. In this case, the magnetic field prevents the 
dayside-to-nightside outflow and causes the gas to mo v e a way from the observ er in transit in the transmission re gion. 
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he transmission spectrum accurately. Fig. 1 sho ws ho w streamlines 
riginating on the planet’s dayside wrap around to the nightside. 
In the MHD case, we have to consider both the field centred on the

oles where the magnetic field lines are opened by the outflow and
 region centred on the equator where magnetic pressure dominates 
 v er thermal pressure so that the field lines are closed. Since the fluid
s required to follow magnetic field lines (and magnetic field lines are
ragged along by the fluid), we can determine the streamlines of our
as in the open region by tracing magnetic field lines. This is helpful
ecause we can simultaneously determine the region in which the 
eld lines are closed. These are calculated analogously to equations 
 5 ) and ( 6 ) replacing velocity with magnetic field: 

d r 

d l 
= 

B r 

B 

, (12) 

d θ

d l 
= 

B θ

rB 

, (13) 

here B r and B θ are the radial and angular components of the
agnetic field, respectively. Fig. 1 shows the magnetic field lines 

or a fiducial planetary magnetic field strength of 3 G. We use this
alue of the planetary magnetic field to illustrate the magnetically 
ontrolled case throughout the rest of the paper. 

In the regions where the streamlines are open, we solve the steady
tate distribution of helium atoms using equations ( 7 ) and ( 8 ) as in the
ydrodynamic case. In the regions in which they are closed, the gas
s approximately in magnetohydrostatic equilibrium, and as a result, 
he helium-level populations are in statistical equilibrium. Therefore, 
e solve for the distribution of helium atoms using equations ( 7 ) and

 8 ) by setting the advection term (the left-hand side) to zero. The
ethod used to solve these equations numerically is the same as the

ydrodynamic one, with the addition of a step to check whether the
eld line is open or closed to decide to solve the non-equilibrium or
quilibrium equation for the distribution of helium atoms. 

In Fig. 2 , we show the number density profiles of helium in
he triplet state for the hydrodynamic and magnetically controlled 
utflow. 

.2 Computing synthetic transit profiles 

ur goal is to calculate the absorption of stellar radiation at 10 830
due to the presence of the escaping helium. To elucidate the basic

rinciples, we produce synthetic transmission spectra at mid-transit 
or the planet transiting with an impact parameter of zero. Since
he simulations used to generate the densities and velocities of the
utflow are 2D, it is only at mid-transit and with an impact parameter
f zero that our approximate symmetry is applicable. 
With the assumptions described in Section 2.1 , the outflow in the

urely hydrodynamic case is rotationally invariant around the line 
onnecting the star and planet ( x -axis). This symmetry means that
e can identify the z coordinate of our grid with the radial coordinate
n the stellar disc. Therefore, the optical depth of the outflow for a
ay emanating at any point on the stellar disc is only a function of z
nd is given by equation ( 14 ). This can be integrated over the stellar
isc to give the excess absorption caused by the escaping gas: 

ν( z) = 

∫ ∞ 

−∞ 

n 3 ( x, z) σν( u x , T )d x, (14) 

xcess Depth ( ν) = 

2 
∫ R s 

R p 
e −τν ( z) zd z + R 

2 
p 

R 

2 
s 

, (15) 

here n 3 is the number density of helium atoms in the metastable
tate, R p and R s are the radius of the planet and star, respectively,
nd σν is the absorption cross-section of the helium to photons at a
requency ν, which is a function of the line-of-sight velocity of the
as, u x , and the temperature. The absorption cross-section is given
y 

ν = 

πe 2 

m c 
f � ( u x , T ) , (16) 
MNRAS 527, 5117–5130 (2024) 
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M

Figure 2. The number density of helium in the 2 3 S state in the outflow for the hydrodynamic case (left) and the magnetically controlled case (right). In the 
hydrodynamic case, the density appears to be fairly spherically symmetric. In the magnetically controlled case, the region with closed magnetic field lines has a 
higher number density of metastable helium atoms than the outflowing regions. This is primarily because the total number density of gas in this region is higher, 
as it is in hydrostatic equilibrium. 
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where e and m e are the charge and mass of the electron, respec-
ively, c is the speed of light, f is the oscillator strength of the
ransition, and � is the Voigt line profile. The Gaussian part of the
oigt profile has a standard deviation of σ ; the Lorentzian part has
 half-width at half-maximum of γ , and the line centre has been
oppler shifted to ν. 

= 

√ 

k b T 

m He c 2 
ν0 , γ = 

A 

4 π
, ν = ν0 

(
1 − u x 

c 

)
. (17) 

Here, ν0 is the rest frequency of the helium line, and A =
 . 022 × 10 7 s −1 is the Einstein A coefficient taken from the NIST
tomic data base (Kramida et al. 2022 ). It is worth noting that the
 

3 S → 2 3 P transition in Helium actually consists of three distinct
ines at 10 830.34, 10 830.25, and 10 829.09 Å due to fine structure
plitting. The first two of these transitions are blended; ho we ver,
he third can be distinguished at the spectral resolution of current
nstruments. The oscillator strength for these transitions, taken from
he NIST atomic data base (Kramida et al. 2022 ), are given by 0.300,
.180, and 0.060, respectively. The absorption cross-section at any
avelength is calculated by summing up the contribution from these

hree transitions. 
Similar to Oklop ̌ci ́c & Hirata ( 2018 ), when computing the optical

epth, we only took into account gas within the Hill sphere of the
lanet, which we choose to have a radius of 4 R p . This approximately
orresponds to the Hill sphere radius of a Jupiter-mass planet around
 solar-mass star at 0.04 au. Beyond the Hill sphere, the outflow is
ignificantly affected by the Coriolis force, the stellar tidal field,
nd the stellar wind. Here, the model is no longer applicable.
o we ver, unless the stellar wind is very strong, these regions do not

ontribute greatly at mid-transit (e.g. MacLeod & Oklop ̌ci ́c 2022 ).
f the planet is further away from the star or the magnetic field is
trong, the planetary outflow may not be affected by the circumstellar
nvironment at larger distances from the planet. In Appendix A , we
rovide transit spectra taking into account gas up to 8 R p to illustrate
his effect. 
NRAS 527, 5117–5130 (2024) 
To do this calculation, we construct a linearly spaced 300 × 600
ell grid in the ( x, z) plane, with x in the range [ −4 R p , 4 R p ] and z
n the range [ R p , 4 R p ]. The integrals in equations ( 14 ) and ( 15 ) are
omputed with this grid using a middle Riemann sum. 

The method we use in the magnetic case is different. As discussed
bo v e, the rotational symmetry around the line connecting the star
nd planet ( x -axis) present in the purely hydrodynamic case is broken
y the dipolar structure of the magnetic field. Therefore, we cannot
imply compute the 3D density structure by rotating the 2D density
istribution around the x -axis. The presence of a planetary magnetic
eld shuts off the outflow on the nightside planet since heat cannot
e transported ef fecti vely across magnetic field lines. Therefore, we
et the density of helium on the nightside of the planet to zero. On
he dayside, we build the 3D density distribution by rotating the 2D
ensity of helium distribution around the z -axis (symmetry axis of
he dipole). In order to account for the reduction of UV flux incident
n the atmosphere away from the substellar line due to geometrical
ffects, we scale the number density of helium in the triplet state
n each 2D slice by the square root of the reduction of incident UV
ux at the base of the slice. We do this because the simulations
re done at high UV fluxes such that the outflow is in ionization–
ecombination equilibrium. In this regime, the temperature of the
utflow thermostats to 10 4 K and the density at the base of the
utflow is proportional to the square root of the incident UV flux
e.g. Murray-Clay et al. 2009 ; Owen & Alvarez 2016 ). 

To perform synthetic observations, we create a 3D cylindrical grid
rom the Cartesian product of a 2D grid on the stellar disc and a 1D
rid along the line connecting the star and planet. The 1D grid has
50 cells and ranges from [0, 4 R p ]. The 2D grid on the stellar disc
as 400 cells. We calculate the optical depth of the outflow at the
entre of each cell on the stellar disc by integrating through the 3D
ensity distribution using a middle Riemann sum. This can then be
ranslated into an excess depth by inte grating o v er the stellar disc
sing a double Riemann sum: 

xcess Depth ( ν) = 

∑ 

j e 
−τν,j A j + πR 

2 
p 

πR 

2 
, (18) 
s 
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Figure 3. Colour map of the line-of-sight velocity of the outflowing gas in the hydrodynamic case (left) and the magnetically controlled case (right). Contours 
mark the line-of-sight optical depth inte grated o v er a 2 Å bin around the peak absorption wavelength. From out-to-in, these mark the τ = 0 . 01 , 0 . 1 , and 1 
surfaces (shown in black, magenta, and cyan respectively). The arrows show the velocity field. 
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here A j is the area of the j th cell. Fig. 3 shows the line of sight
elocity of the gas for an observer whilst the planet is at mid-transit.
ontours mark the line of sight optical depth inte grated o v er a 2 Å
in around the peak absorption wavelength. 

 RESULTS  

ig. 4 shows the excess transit depth for the hydrodynamic and 
agnetically controlled outflows. As expected, we find that the 

ydrodynamic outflow leads to a blueshifted spectrum. Fig. 3 shows 
hat most of the absorption comes from the terminator, where gas 
s moving towards the observer in transit. The peak absorption 
s at −8 . 3 km s −1 , which is of the order of the sound speed of
he outflowing gas. It is worth noting that we still see significant
bsorption in the red wing due to absorption from gas moving towards 
he star (away from the observer in transit), which has originated from
igure 4. Calculated excess absorption for a planet with (i) no magnetic field 
solid blue) and (ii) a surface magnetic field of 3 G (dashed red) at mid-transit 
ith an impact parameter of 0. The velocity scale is centred on the blended 

ransitions at 10 830.25 and 10 830.34 Å. 

F
d
3
T

ow latitudes on the planet. As a result, the spectrum is asymmetric
nd broader than expected from thermal broadening. 

In contrast, a planet with a 3 G magnetic field shows a symmetric
ransit spectrum, with a peak absorption centred at 0.5 km s −1 . Most
f the absorption comes from the dead zone, where the velocity of
he gas is stationary, and an area near the poles, where the line-
f-sight velocity is small (see Fig. 3 ). As a result, the spectrum
nly shows a small velocity shift. Furthermore, since almost all 
he absorption comes from gas at low velocities, the width of the
pectrum is primarily set by the thermal velocity of the gas. 

In Fig. 5 , we show how the transit spectrum varies with planetary
agnetic field strength. Interestingly, the transit depth does not 

ecrease monotonically with magnetic field strength, even though 
he fraction of open field lines (and the mass-loss rate) decreases
moothly as a function of magnetic field strength. As the magnetic
eld strength is increased, the size of the region where the magnetic
MNRAS 527, 5117–5130 (2024) 

igure 5. Calculated excess absorption as a function of wavelength for 
ifferent planetary magnetic field strengths. For a planetary magnetic field of 
 G, we also include a case in which the stellar magnetic field is non-zero. 
he velocity scale is the same as in Fig. 4 . 

e London Library user on 31 January 2024
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eld lines are closed increases. This region then blocks more of
he stellar disc, contributing more to the transit depth. At the same
ime, since the mass-loss decreases, the column density of gas in
he outflowing regions near the poles decreases, contributing less to
he transit depth. The weight of these contributions has an opposite
ependence on the strength of the magnetic field and results in the
ransit depth not being a monotonic function of the magnetic field
trength. 

The o v erall v elocity shift of the transmission spectrum also varies
s the magnetic field strength changes. At lower magnetic field
trengths, gas pressure is able to open up field lines at lower latitudes.
he gas coupled to these field lines has a higher line-of-sight velocity,

esulting in a redshifted spectrum. In the 0.3 G case, shown in
ig. 5 , this velocity shift is 3 . 8 km s −1 . 
For the 3 G case, we also include a situation where the stellar
agnetic field is non-zero, and the ratio of stellar to planetary
agnetic field strength is given by β∗ = 0 . 001. For a planet at

.04 au around a solar radius star, this corresponds to a stellar
urface magnetic field of 1 G. In general, the stellar magnetic field
s able to open out more field lines. As mentioned abo v e, this can
ither increase or decrease the transit depth depending on how the
ontributions from the closed region and outflowing regions change.
o we ver, in this case, we actually see no change in the transit

pectrum. This is because the opening of field lines is completely
ominated by the outflow rather than the stellar field. This effect is
xplained in fig. 4 of Owen & Adams ( 2014 ). 

 DISCUSSION  A N D  C O N C L U S I O N S  

e have post-processed 2D HD and MHD simulations of a hot Jupiter
ndergoing photoe v aporation and calculated in-transit absorption
ignal due to the 10 830 Å line of helium. If the planet has no
agnetic field, the transit signal is blueshifted �v = −8 . 3 km s −1 

ue to the absorption from gas that flows from the hot dayside to a
old nightside. When a planetary magnetic field (between 0.3 and
0 G) is included, the transit signal has either no apparent velocity
hift or a very slight redshift, as escaping gas from the dayside is
ied to magnetic field lines and mo v es a way from the observ er in
ransit. 

At the current resolution of ground-based instruments, this dif-
erence in line-centre velocity is observable and may be used
o test whether outflows are magnetically controlled or not and
onsequently put constraints on the magnetic field strengths of
lanets. As the observed velocity difference is due to large-scale
hanges in the geometry of the flow, this method should be fairly
obust to the specifics of the photoe v aporati ve flo w (e.g. mass-loss
ate and temperature). Ho we ver, further work is required to ensure
hat our results are still true in full 3D simulations o v er a more
 xtensiv e re gion of parameter space and for various magnetic field
onfigurations. We will discuss this in Section 5.1.1 . 

For magnetically controlled flo ws, observ ationally distinguishing
etween different planetary magnetic field strengths is a more
ifficult task. The clearest difference is that lower field strengths
ith more open field lines lead to a more redshifted transit. More
pen field lines can also increase high-velocity gas absorption far
rom the planet, leading to asymmetric transits with an extended
ed wing. This is only visibly apparent in the 0.3 G case when we
onsider gas within 8 R p instead of 4 R p (see Fig. A1 in Appendix
 ). Observations of the escaping atmosphere of WASP-52b show

hat the transit spectrum is unshifted with respect to the planet’s rest
rame and has a slight asymmetry in the red wing. We speculate
hat this might indicate that the outflow is magnetically controlled.
NRAS 527, 5117–5130 (2024) 
verall, we caution that since the differences in these spectra are
elatively minor, model and observational uncertainties most likely
ake different magnetic field cases indistinguishable at the resolution

f current instruments. 

.1 Limitations 

.1.1 Use of Owen & Adams ( 2014 ) simulations and 3D effects 

n reality, atmospheric escape is a 3D process, and 3D radiation-MHD
imulations that include rotational effects are necessary to confirm
he validity of this work. The Owen & Adams ( 2014 ) simulations
re simplistic when compared to current state-of-the-art simulations;
o we v er, as discussed abo v e, the y are the only simulation set that
ncluded radiative transfer, models with and without magnetic fields,
nd a reasonable parameter study within the same framework. This
llowed us to make meaningful comparisons between simulations
hat did and did not include magnetic fields. Ho we ver, it is important
o discuss some of the limitations of these simulations so that our
esults are non-conflated with specific quantitative results arising
rom our post-processing of this simulation set. The Owen & Adams
 2014 ) simulations were the first multidimensional simulations of
hotoe v aporation that included on-the-fly radiative transfer. As
uch, they used a simplified algorithm that assumed an ionization–
ecombination balance for the hydrogen and took the ionized gas
o be at 10 4 K, where the temperature was computed based on
he local ionization fraction (e.g. Gritschneder et al. 2009 ). This
onization–recombination balance is well known to be applicable to
lanets around young stars (e.g. Murray-Clay et al. 2009 ; Owen &
lvarez 2016 ), yet most observations of helium outflows are for old
lanets where this approximation does not hold. The approximations
f the Owen & Adams ( 2014 ) simulations are likely driving two
uantitative results of our simulations: first, the high fluxes produce
 high rate of recombinations, and thus, our helium transit depths
re likely o v erestimated compared to older systems; secondly, the
utflow velocity (and hence the magnitude of the velocity shift)
epends directly of the gas’ temperature, with higher temperatures
i ving higher outflo w velocities. Outflo ws around lo wer mass, older
lanets are more likely to be in the ‘energy-limited’ regime (Owen &
lvarez 2016 ), where the outflow temperatures are necessarily lower,

nd hence we suspect that our simulated ∼8 km s −1 blueshifts are
ikely o v erestimates. Ho we v er, as discussed abo v e, based on the
esults of more recent 3D simulations, we are confident that our
ualitative conclusions about blueshifts arising in the hydrodynamic
ases are robust. Hence, the detection or lack of blueshift can be
sed to make inferences about the strength of any planetary magnetic
eld. 
We also re-emphasize that we focus on a particular area of

arameter space where the ram pressure of the planetary wind or the
agnetic pressure of the planet dominates o v er the stellar magnetic

ressure or stellar wind ram pressure close to the planet. Whether the
tellar wind or stellar magnetic field has a larger influence on the orbit
f the planet depends on the mass-loss rate of the star, the magnetic
eld of the star, stellar wind velocity, and the semimajor axis of the
lanet. For hot Jupiters, both the case where the stellar magnetic field
r the case where stellar wind dominates are possible for sensible
tellar and planetary parameters. As the magnetic pressure for a
ipolar field drops ∼r −6 compared to the stellar wind ram pressure
 

−2 , the stellar wind is more likely to dominate for sub-Neptunes,
hich are generally further from their star than hot Jupiters. 
The primary effect of increasing the strength of the stellar magnetic

eld is to open more planetary field lines. At low stellar magnetic
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eld strengths, this can increase the mass-loss rate. At high stellar
agnetic field strengths, the flow cannot smoothly transition through 

he sonic point along these open field lines, and the mass-loss rate
an actually decrease (Owen & Adams 2014 ). These changes can 
ary the transit depth. However, we do not expect it to significantly
hange the velocity of the absorbing gas and therefore the velocity 
hift of the transit. 

On the other hand, the stellar wind may have a significant effect
n the velocity shift of the transmission spectrum. If the planet is
utside the Alfv ́en radius of the star, the ram pressure of the stellar
ind dominates o v er the magnetic pressure of the stellar wind and

he magnetic field lines in the stellar wind follow the stellar wind
lasma. 
The effect of the stellar wind on the geometry of the planetary

utflow has been studied in both hydrodynamic and MHD simula- 
ions. As the strength of the stellar wind is increased compared to the
lanetary outflow or planetary magnetic field, the stellar wind is able 
o confine the planetary outflow closer to the surface of the planet. On
cales larger than the Hill sphere of the planet, the stellar wind will
hape the outflow into a cometary tail that is being radially acceler-
ted away from the star (e.g. Matsakos et al. 2015 ; Khodachenko
t al. 2019 ; McCann et al. 2019 ). In essentially isothermal 3D
ydrodynamic simulations including helium, MacLeod & Oklop ̌ci ́c 
 2022 ) showed that this could result in both blueshifted absorption
uring the optical transit and significant blueshifted post-optical 
bsorption. This is also apparent in 3D radiation-hydrodynamic 
imulations performed by Wang & Dai ( 2021 ). 

MHD simulations, including the radial magnetic field of the stellar 
ind, have also shown that the stellar wind causes planetary magnetic 
eld lines to bend towards the nightside (e.g. Kislyakova et al. 2014 ;
arolan et al. 2021b ; Khodachenko et al. 2021 ; Ben-Jaffel et al.
022 ). It is possible that this could result in a blueshifted absorption
ignature during the transit of the planet, even if the planet had
 reasonably strong magnetic field. Ho we ver, it is likely that this
ould also cause a significant blueshifted post-optical absorption 

ike that seen in the hydrodynamic case. More 3D simulations are 
ecessary to understand how degenerate observations are o v er the 
ull parameter space. 

.1.2 Eccentricity uncertainty 

o definitively assert that the velocity shift is due to the outflow, we
ust know the planet’s eccentricity. Since highly irradiated planets 

re close to their host stars, they are generally assumed to have
ndergone orbital circularization. Small deviations away from a 
ircular orbit can cause an apparent velocity shift, �v los , of 

v los ∼ v k e cos ω , (19) 

where v k is Keplerian velocity, e is the eccentricity, and ω is the
rgument of periastron of the planet (e.g. Murray & Correia 2010 ).
an Eylen et al. ( 2019 ) determined the eccentricities for a sample of
epler planets through a combination of astroseismology and transit 

ight-curve analysis. Ho we ver, uncertainties in the eccentricity for 
ndividual planets were rarely < 0 . 1. For a planet with a typical
rbital velocity of ∼100 km s −1 , an eccentricity uncertainty of ∼0.1 
an lead to a velocity shift of ∼10 km s −1 , which is of the order of
he velocity shift due to the outflow geometry. This is also true when
ransit timing variations (TTVs) are used to determine eccentricities 
n multiplanetary systems (Van Eylen & Albrecht 2015 ). 

The detection of a secondary eclipse can be used to measure e cos ω 

f individual planets precisely (e.g. Winn 2010 ), such that we can
ule out this as a source of the observed velocity shift. Due to their
igh temperatures and large size, this is often possible for hot Jupiters
e.g. Charbonneau et al. 2005 ; Baskin et al. 2013 ). Previously, this
as not generally been the case for sub-Neptunes. Ho we ver, with
WST , detecting the secondary eclipse of some sub-Neptunes might 
e possible. 

.2 Implications for real systems 

deally, we would be able to use helium observations to constrain
hese planets’ magnetic fields. As highlighted in the previous section, 
ccentricity uncertainties generally mean that we cannot make claims 
bout the magnetic field strengths of individual planets based on these
bserv ations. Ho we ver, we speculate about trends in the population.
Table 1 lists spectroscopic detections of helium escape. For each 

lanet, we quote the observed velocity shift of the absorption relative
o the planet’s rest frame, which is often determined by assuming a
ircular orbit if the planet is not known to be eccentric. These are not
irectly comparable to our models, as the observed transit depth is
enerally computed by integrating over all in-transit phases. We also 
stimate a critical surface magnetic field strength B c at which the flow
ransitions from ‘hydrodynamic’ to ‘magnetically controlled’ and no 
onger expect to see a blueshifted transit spectrum. We approximate 
his value as the maximum surface magnetic field so that the outflow
pens all field lines. Although, we caution that this is likely to be an
 v erestimate. Since the outflow may be able to wrap around to the
ightside in the terminator region before all field lines are opened, 3D
HD simulations will be required to investigate this quantitatively. 
This critical magnetic field strength is found by requiring that 

he thermal pressure exceeds the magnetic pressure for r > R p . We
stimate the thermal pressure by (i) assuming that the outflow is an
sothermal Parker wind with a fixed sound speed and mass-loss rate
r (ii) assuming that the outflow is in photoionization equilibrium. 
n both cases, the detailed procedure used to calculate the critical
agnetic field is explained in Appendix B . In Table 1 , we give three

ritical magnetic field strength values. The first two are calculated 
ssuming the isothermal Parker wind case, where the sound speed is
 . 3 × 10 4 K / 10 4 K , and the mass-loss rate is given by the energy-
imited mass-loss rate (equation 2 ) with efficiency η = 0 . 1. The final
stimate is given by the photoionization equilibrium case, where the 
as temperature is 10 4 K. In general, this last method gives a slightly
arger value for the critical magnetic field but is the least applicable
o old planets. 

To calculate the critical magnetic field strength, we needed to 
stimate the F uv received by each planet. For this, we used values
iven in each of the cited detection papers (see Table 1 ). If no estimate
as present, we used estimates from Kirk et al. ( 2022 ) in which they

ound the combined X-ray and UV (XUV) flux by comparing to
tars of similar spectra from the MUSCLES surv e y (France et al.
016 ; Loyd et al. 2016 ; Youngblood et al. 2016 ). We note that
he reconstructed XUV flux has significant uncertainties, and our 

ethods for calculating the thermal pressure of the outflow are only
pproximate. Therefore, we expect that our estimates for B c may 
ary by an order of magnitude. 

We also estimate the extent to which the stellar wind can confine
he outflow. To effectively radially accelerate the planetary gas 
o produce a blueshifted transit, the stellar wind must be able to
enetrate close to the planetary surface. We approximately calculate 
he position of the bow shock produced when the stellar wind and
lanetary outflow collide. The bow shock is defined by the condition
hat the momentum fluxes of the stellar wind and planetary outflow
alance. In the simple case, where outflows are spherical, we can
MNRAS 527, 5117–5130 (2024) 
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M

Table 1. Detections of helium atmospheric escape using high-resolution spectroscopy and the observed velocity shift of the outflow in the rest frame 
of the planet. We have provided uncertainties on the observed velocity shift, where given in the detection paper. These are generally of the order of 
a few km s −1 . We estimate the maximum surface magnetic field B c such that all field lines are opened by the planetary outflow. The three numbers 
correspond to estimating strengths when we approximate the outflow to be (i) an isothermal Parker wind at 10 4 K, (ii) an isothermal Parker wind at 
0 . 3 × 10 4 K, and (iii) in photoionization–recombination equilibrium. For the former two calculations, we estimate the mass-loss rate of the planet using 
the energy-limited formula with an efficiency of 0.1. We also estimate the bow shock radii at which the stellar wind collides with the planetary outflow 

(equation 20 ) and the magnetosphere corresponding to a planet with a surface magnetic field of 1 G (equation 21 ). The minimum absorption area is a 
lower limit on the extent of the outflow assuming that it is optically thick. 

Planet name 
Radius 

( R J ) B c (G) 
Bow shock radius –
hydrodynamic ( R p ) 

Bow shock radius –
magnetic ( R p ) 

Observed 
velocity shift 

( km s −1 ) 

Minimum 

absorber area 
( R p ) Reference 

GJ 1214b 0.24 0.003 0.2 7.1 −5 + 4 −7 1.6 Orell-Miquel et al. ( 2022 ) a 

0.005 
0.15 

GJ 3470b 0.36 0.01 1.2 10.5 −3 . 2 ± 1 . 3 1.9 Palle et al. ( 2020 ) 
0.02 
0.24 

Hat-P −11b 0.39 0.01 1.7 13.5 −3 2.2 Allart et al. ( 2018 ) 
0.05 
0.30 

HD 189733b 1.13 0.19 1.1 10.3 −3 . 5 ± 0 . 4 1.2 Salz et al. ( 2018 ) 
1.56 
0.54 

HD 209458b 1.39 0.02 0.7 12.9 −1 . 8 ± 1 . 3 1.3 Alonso-Floriano et al. ( 2019 ) 
0.15 
0.23 

TOI-1430.01 0.18 0.02 5.4 15.7 −4 . 0 ± 1 . 3 3.6 Zhang et al. ( 2023 ) 
0.05 
0.45 

TOI-1683.01 0.18 0.03 3.4 11.3 −6 . 7 ± 2 . 8 3.4 Zhang et al. ( 2023 ) 
0.08 
0.53 

TOI-2076b 0.22 0.03 5.7 14.9 −6 . 7 ± 1 . 4 3.5 Zhang et al. ( 2023 ) b 

0.06 
0.46 

TOI-560b 0.25 0.02 3.8 14.6 4 . 3 ± 1 . 4 2.4 Zhang et al. ( 2022 ) 
0.04 
0.38 

WASP-107b 0.92 0.01 2.5 13.9 −2 . 4 ± 0 . 4 2.2 Kirk et al. ( 2020 ) 
0.03 
0.23 

WASP-52b 1.2 0.06 2.2 9.6 0 . 0 ± 1 . 2 1.6 Kirk et al. ( 2022 ) 
0.43 
0.49 

WASP-69b 1.0 0.02 2.0 12.6 −3 . 6 ± 0 . 2 1.8 Nortmann et al. ( 2018 ) 
0.13 
0.32 

a Subsequent observations by Kasper et al. ( 2020 ) and Spake et al. ( 2022 ) have failed to detect escaping helium. 
b Gaidos et al. ( 2023 ) also observed this planet but attributed the detection to stellar activity. 
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pproximate the radial distance of the bow shock from the planet r b : 

 b = a 

√ 

Ṁ c s 

Ṁ ∗u ∗
, (20) 

here Ṁ ∗ is the mass-loss rate of the star, Ṁ is the mass-loss rate
f the planet, u ∗ is the stellar wind velocity, and a is the semimajor
xis of the planet. To calculate r b , we estimate the mass-loss rate
f the planet using the energy-limited mass-loss rate (equation 2 )
ith efficiency η = 0 . 1 and use solar-like wind values of Ṁ ∗ =
0 −14 M 
 yr −1 and u ∗ = 150 km s −1 . If significant absorption occurs
utside this radius, then the stellar wind is likely to play an important
ole in determining the shape of the transit. We also note that a
trong planetary magnetic field can considerably increase the bow
NRAS 527, 5117–5130 (2024) 
hock distance. In this case, the bow shock distance is approximated
y the point at which the stellar wind ram pressure and magnetic
ressure of the planetary field balance. Therefore, we also calculate
he position of the bow shock considering the effects of a 1 G surface

agnetic field. Here, the expression for r b is given by 

 b = 

(
B 

2 
0 a 

2 

2 Ṁ ∗u ∗

) 1 
4 

. (21) 

Interestingly, 10 out of the 12 systems show blueshifted absorption.
hus, it is highly unlikely that uncertainties in planetary motion can
ccount for all of these. Therefore, it is likely that some of these
lueshifts can be attributed to the geometry of the outflow. There are
wo explanations for this. The first possibility is that these planets
av e relativ ely weak surface magnetic fields ( B � 0 . 1 G), and day-
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o-night winds are responsible for the blueshifted transit. For sub- 
eptunes, this would agree with the findings of Owen ( 2019 ), which
emonstrated that the suppression of atmospheric mass-loss by the 
resence of surface magnetic fields �0 . 3 G is not consistent with
oth the position of the radius valley and the rocky composition 
f planets below the valley. This is not inconsistent with dynamo- 
enerated magnetic fields in the cores of sub-Neptunes being of the 
rder of a few Gauss, like Solar system planets, as a few per cent
y mass hydrogen/helium envelope can greatly increase the radius 
f the planet and particularly raise the upper atmosphere where 
tmospheric mass-loss is taking place. Since magnetic field strength 
or a dipole field scales like r −3 , the magnetic field can be much
eaker in these re gions. F or hot Jupiters, this conclusion would

a v our the argument of Grießmeier et al. ( 2004 ) that slow rotation
f hot Jupiters due to tidal locking leads to magnetic fields that are
rders of magnitude smaller than Jupiters. This is in opposition to 
he argument of Christensen et al. ( 2009 ), which predicts magnetic
eld strengths an order of magnitude greater than Jupiters, based 
n a scaling relation between magnetic field strength and energy 
ux. 
The other possibility is that stellar winds are able to penetrate close

o the planetary surface and radially accelerate the gas to produce 
he observed blueshifts. We note that a comet-like tail of escaping 
elium extending out to ∼7 planetary radii has been detected in 
he case WASP-107b (Spake, Oklop ̌ci ́c & Hillenbrand 2021 ) and
o a lesser extent for WASP-69b (Nortmann et al. 2018 ), HAT-P-
8b (Fu et al. 2022 ), and HD 189733b (Guilluy et al. 2020 ). This
ay be evidence that the stellar wind plays a role in shaping the

utflow of some of these planets. We can set a lower limit on the
xtent of the outflow by assuming that the gas is optically thick
o 10 830 Å radiation, which can be compared to the bow shock
adius to assess the importance of stellar wind. We call this the
minimum absorption area’, and calculate its value at mid-transit (see 
 able 1 ). W e stress that the gas is optically thin (e.g. MacLeod &
klop ̌ci ́c 2022 ) and therefore the actual extent can be significantly

arger than this estimate. A good example of this is the transit of
ASP-107b, which is found to a have a much smaller minimum 

bsorption area ∼ 2 R p , than is temporally observed ∼7 R p (e.g. Spake
t al. 2022 ). 

In general, if the planets have weak magnetic fields, solar or
oderately supersolar winds are required to set the bow shock 

adius close enough to the planet to disrupt the planetary outflow 

ignificantly. This is certainly feasible based on estimates of stellar 
ind mass rates from detections of astrospheric absorption (e.g. 
ood et al. 2005 , 2021 ). Ho we ver, if these planets are able to host

ignificant surface magnetic fields ( B � 1 G), then stellar winds with
ass-loss rates orders of magnitude greater than the Sun would be 

equired. Thus, we speculate that regarding the population of close- 
n planets for which helium observations have been taken, there 
s no evidence that these planets possess magnetic field strengths 
trong enough to control the topology of any photoe v aporati ve
utflow. 
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than 4 R p are shown in Fig. A1 . They are qualitatively similar to our 
standard case. 

Figure A1. Calculated excess absorption as a function of wavelength for 
different planetary magnetic field strengths where we took into account gas 
within 8 R p of the planet. The 0.3 G case now has an extended red wing due 
to absorption of high-velocity gas far from the star. 
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PPEN D IX  B:  SOLV ING  F O R  T H E  C R I T I C A L  

AGNETIC  FIELD  STRENGTH  

1 Assuming that the outflow is an isothermal Parker wind 

ere, we outline the procedure to obtain the critical magnetic field 
trength when we approximate the outflow to be an isothermal Parker 
ind. For a given mass-loss rate and sound speed, the density and
as pressure can be written analytically in terms of the Lambert 
 function (Cranmer 2004 ). The magnetic pressure along this 

treamline is given by 

 B = 

B 

2 
0 

8 π

(
R p 

r 

)6 

. (B1) 

The critical magnetic field is given by the value of the surface
agnetic field such that gas pressure exceeds the magnetic pressure 
 v er for r > R p e xcept one point where the y are equal, which denotes
 B . Either this point is R p or at this point the magnetic pressure and
hermal pressure are tangent. If they are tangent at this point, the
hermal and magnetic pressure should satisfy 

 th ( r B ) = P B ( r B ) , (B2) 

d P th 

d r 
( r B ) = 

d P B 

d r 
( r B ) . (B3) 

e can combine these two equations by inserting the form of the
agnetic pressure (equation B1 ) in order to get an equation just in

erms of the thermal pressure: 

d P th 

d r 
( r ) + 

6 P th ( r ) 

r 
= 0 . (B4) 

sing the Lambert W function (Cranmer 2004 ), the thermal pressure
s given by 

 th ( r ) = 

Ṁ c 2 s 

4 πr 2 u ( r ) 
, (B5) 

 = 

{ −c 2 s W 0 [ −D( r)] r ≤ r c , 

−c 2 s W −1 [ −D( r)] r > r c , 
(B6) 

( r) = 

(
r 

r c 

)−4 

exp 
[ 
4 
(

1 − r c 

r 

)
− 1 

] 
, (B7) 

nd the deri v ati ve of the thermal pressure is given by 

d P 

d r 
= −Ṁ c 2 s (2 r u ( r ) + r 2 d u d r ) 

4 πr 4 u ( r) 2 
, (B8) 

d u 

d r 
= 

⎧ ⎪ ⎪ ⎪ ⎨ 

⎪ ⎪ ⎪ ⎩ 

c s 

√ −W 0 [ −D( r)] 

2 D ( r)( W 0 [ −D ( r)] + 1) 
r ≤ r c , 

c s 

√ −W −1 [ −D( r)] 

2 D ( r)( W −1 [ −D ( r)] + 1) 
r ≥ r c . 

(B9) 
Equation ( B4 ) can be numerically solved for r B . If r B > R p , the
onditions of equation ( B2 ) are satisfied and the critical magnetic
eld strength is given by 

 c = 

√ 

2 Ṁ c 2 s 

r 2 B u ( r B ) 

(
r B 

R p 

)6 

. (B10) 

n example of this case is shown in the left-hand panel of Fig. B1
corresponding to HD 189733b). If r B < R p , there does not exist
 magnetic field strength in which the conditions of equation ( B2 )
re satisfied. Therefore, we set the critical magnetic field strength 
o be such that the magnetic pressure equals gas pressure at R p ,
hich is equi v alent to setting P th ( R p ) = P B ( R p ). Therefore, B c is
iven by 

 c = 

√ 

2 Ṁ c 2 s 

R 

2 
p u ( R p ) 

. (B11) 

n example of this case is shown in the right-hand panel of Fig. B1
corresponding to WASP-107b). 

2 Assuming that the outflow is in photoionization equilibrium 

or completeness, we also estimate this critical transition assuming 
hat the flow is in photoionization equilibrium (e.g. Owen & Adams
014 ; Owen & Alvarez 2016 ). We note that this is not the case for
ld low-mass planets. In this case, we approximate that all field lines
re opened if the pressure at the base of the flow is greater than the
agnetic pressure. We denote this ratio as κ: 

= 

B 

2 
0 

8 πP 0 
, (B12) 

here P 0 is the surface pressure. The surface pressure is calculated 
y balancing the number of incoming photons with the number of
ecombinations at the ionization front, assuming that the ionization 
ront is located deep in the planet’s atmosphere. Using equation (50)
rom Owen & Adams ( 2014 ) as our starting point, the surface
ressure can be cast in terms of the planetary properties and the
ncident flux: 

 0 ≈ 5 × 10 −13 

√ 

GM p c 2 s F uv 

R 

2 
p 

dyn , (B13) 

here F uv is the incident UV flux. Therefore, the critical magnetic
eld strength becomes 

 c ≈ 0 . 25 

(
M p 

M J 

) 1 
4 
(

F uv 

10 4 erg s −1 

) 1 
4 
(

c s 

10 km s −1 

) 1 
2 
(

R p 

R J 

)− 1 
2 

. 

(B14) 
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Figure B1. A comparison between the magnetic pressure and gas pressure at the critical magnetic field strength for HD 189733b (left) and WASP-107b (right) 
assuming that the outflow is an isothermal Parker wind at 10 4 K. 
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